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ABSTRACT
We present a new method to study the characteristic scales of collapse and frag-
mentation in galactic disks. Clump formation is seeded in simulations via controlled
perturbations with a specified wavelength and velocity. These are applied to otherwise
quiet gas disks ranging from analogues of present day spirals to gas-rich, high-redshift
galaxies. The results are compared to linear theory, turbulently perturbed disks and
observations. The results reflect the expectations of linear, non-axisymmetric theory
with a finite window for growth into a bound clump. We identify two new modes of
clump formation: rotation-driven fission and fragmentation of tidal tails, though both
are expected to rarely contribute to clump formation in observed disks. We find that
bound clumps are generally much smaller than the commonly used Toomre mass. The
preferred scale for fragmentation increases with the disk gas mass but cannot produce
bound objects larger than ∼ 109 M. The most likely bound clump mass increases
from 3 × 106 in low mass disks up to 5 × 108 M. We conclude that observed massive
stellar and gaseous clumps on 1 kpc scales at high redshift are most likely aggregates
of many initially distinct bound clumps.
Key words: methods: numerical – stars: formation – ISM: clouds – galaxies: ISM –
galaxies: star formation – galaxies: high-redshift
1 INTRODUCTION
The typical size of star clusters is expected to depend on
the galactic environment. The Jeans’ mass, which changes
based on environment, plays a role (e.g. Hopkins 2012). The
pressure likely plays a role; high pressure environments such
as Arp 220 have larger star clusters when compared to other
local galaxies (e.g. Wilson et al. 2006). If we begin by con-
sidering low redshift galaxies, a preferred mass-scale for star
cluster formation is apparent. In the Milky Way itself, star
clusters have typical masses between 103 − 104 M (Fall &
Chandar 2012). A preferred scale for star clusters may in
turn suggest a preferred scale for Giant Molecular Clouds
(GMCs). In the Milky Way GMCs have typical masses be-
tween 105 − 106 M and typical sizes of 50 - 100 pc (Fukui
& Kawamura 2010; McKee & Ostriker 2007).
If we consider galaxies at higher redshifts, these pre-
ferred scales appear to change. Stellar observations are
? E-mail: smbenincasa@ucdavis.edu
able to identify large UV-bright star-forming regions called
clumps (Elmegreen et al. 2007). The CANDELS survey has
provided extensive clump catalogues for galaxies between
0.5 < z < 3.5. The properties of clumps identified in CAN-
DELS galaxies suggest they are extremely large, with typi-
cal masses of 107 − 109 M and typical sizes ∼ 1 kpc (Guo
et al. 2015, 2018). Other compilation studies find masses be-
tween 105 − 109 M (Dessauges-Zavadsky & Adamo 2018).
Either way, these are orders of magnitude more massive than
present-day clusters or star-forming regions.
This picture is even more complex if we add in star-
bursts or merger-driven systems. As mentioned above, if we
consider Arp 220, there are many active sites of star for-
mation and the star-forming complexes may be much larger
than those in the Milky Way (Murray et al. 2010, and ref-
erences therein). In these environments the masses of stel-
lar clusters increase dramatically. Wilson et al. (2006) find
masses approaching 107 M, which may make them candi-
dates for young globular clusters.
The conditions in star-forming regions should be im-
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printed in the properties of gas. At higher redshifts, and in
starburst systems, the conditions both within and around
galaxies were different than at low redshift. Specifically, at
higher redshifts the galaxy interaction rate was higher and
galaxies themselves are much more likely to be gas rich.
It is no surprise that in such gas-rich, highly molecu-
lar environments the properties of star-forming regions are
likely to be different. Indeed, the appearance of gas disks
beyond z∼0.5 are much more clumpy in nature (e.g. Fo¨rster
Schreiber et al. 2009). This highly molecular clumpy nature
may suggest that star-forming regions may be larger in both
mass and spatial extent. Wide beam observational studies
suggest these objects have masses between 108 - 1010 M, or
approximately 1 − 10% of the total disk mass (e.g. Tacconi
et al. 2010; Swinbank et al. 2010, 2011; Genzel et al. 2011;
Hodge et al. 2012). The corresponding physical sizes range
from as small as 100 pc to as large as 2 kpc (e.g. Swinbank
et al. 2010; Tacconi et al. 2010).
However, recent results from the SGASS lensing survey
have shown a finer level of substructure, albeit in galax-
ies less massive than those typical in the CANDELS sample
(Johnson et al. 2017a). These results show that stellar clump
sizes can be consistent with present-day star clusters, which
would originate from objects similar to present day GMCs
with high star formation efficiency (Johnson et al. 2017b;
Rigby et al. 2017). Another such lensing study has been
done in the Cosmic Snake (Cava et al. 2018). Using data
from the CLASH survey, the authors have obtained both a
lensed arc and counterimage. In this way they can compare
two spatial resolutions for the same object. They find that
the lower resolution image (counterimage) produces clumps
that are amplified by a factor of 2-5 on average, for an de-
crease in resolution of 10 times. Studies like these suggest
two important points. First, the gas mass of a galaxy is im-
portant for determining the scale of star formation. Second,
the resolution of earlier studies may not be sufficient to re-
solve clumps.
With the typical physical resolution of instruments at
high redshift being generally poorer, it may be that we are
treating collections of GMCs (Tacconi et al. 2010) as a sin-
gle entity. This idea has been lent credence by samples of
lensed galaxies: while directly observed galaxies are often
large due to selection effects, lensed galaxies are typically of
lower mass (M? ∼ 109 M). They provide us with a better
resolved picture of the molecular gas. For example, Swin-
bank et al. (2010) find gas clumps of similar size to Milky
Way GMCs, approximately 100 pc. They propose that these
objects would be similar to present-day star-forming regions
except with more star-forming cores with higher densities.
Hodge et al. (2012) infer typical internal densities of ∼ 100
cm−3, in accordance with the typical density of low-redshift
GMCs. If we infer masses from these sizes, we can assume
that these objects would likely have masses similar to large
present-day GMCs: maybe between 105 − 107 M. Local
starburst galaxies with enhanced star-formation and kine-
matic properties similar to galaxies at z ∼ 1.5 can also be
used as a testbed for these theories. Their proximity offers
better resolution studies and HST-DYNAMO has studied
13 such galaxies (White et al. 2017). Studies here confirm
that clump clustering is likely to impact the measurement
of clump properties at higher redshifts, where resolution de-
grades (Fisher et al. 2017).
If we look to isolated galaxy simulations, we see results
consistent with small star-forming regions. For example,
(Tamburello et al. 2015) find smaller clump masses (< 107
M). The higher resolution available in isolated galaxy sim-
ulations also offers the perfect place to study the impacts of
resolution on structure identification. Some work has sug-
gested that the resolution of HST at the redshifts concerned
is insufficient to fully resolve these clumpy objects. Tam-
burello et al. (2017) and Dessauges-Zavadsky et al. (2017)
have argued that at the spatial resolution of 1 kpc, it is
not possible to fully resolve these stellar clumps. This sup-
ports the idea that we are just seeing collections of smaller
stellar clumps, clustered closely together. Indeed, Behrendt
et al. (2016) have shown that closely clustered clumps could
be confused for more massive objects with the resolution of
surveys like CANDELS.
At the other extreme, it has been suggested that in
massive, gas-rich galaxies the physics of clump formation
changes with Violent Disk instabilities (VDI) producing dif-
ferent outcomes (Dekel et al. 2009). This is built on the
idea that a Toomre instability sets the characteristic scale of
clumps in gas-rich disks (Shlosman & Noguchi 1993; Noguchi
1998, 1999). This idea has been invoked to explain certain
cosmological zoom simulations exhibiting larger clumps in
the range 107−9 M (Mandelker et al. 2014, 2017). However,
it has been theorized that not all gas rich disks host VDI,
and that this behaviour is largely dependant on feedback
strength rather than a qualitative difference in how clumps
form (Fiacconi et al. 2017). Regardless, other studies of cos-
mological zoom simulations also report clump masses in this
higher range (Agertz et al. 2009; Oklopcˇic´ et al. 2017).
An alternative way to study clump formation in iso-
lated galaxies is by employing spherical halo collapse. Here,
rather than begin with a disks, a halo of dark matter and
hot gas are allowed to collapse, thus forming the disk (e.g.
Kaufmann et al. 2006, 2007; Teyssier et al. 2013). This is
commonly used to study the interaction of the disk with
the surrounding medium, to study cold flows for example.
However, it has also been used to study clump formation
(Noguchi 1999; Inoue & Saitoh 2012). For example, Inoue &
Saitoh (2014) report clump masses above 108 M in isolated
galaxies formed in this way.
Resolving these differences is complicated by the fact
that all of these studies use different methods. Some in-
volve simulations on cosmological scales while others model
isolated galaxies, the resolution of these two types of sim-
ulations can be quite different. Different studies use differ-
ent numerical methods or different hydrodynamical schemes.
Beyond that, perhaps the largest variable, is the type of feed-
back chosen. The type and strength of feedback chosen plays
a large role in determining the structure of star-forming gas
and, consequently, the structure of stellar clusters. All of
these variables makes it incredibly confusing to compare re-
sults among different studies. Add on top of that the differ-
ent types of observations we are considering, stellar versus
gas, lensed versus un-lensed, and we are left with great dif-
ficulty in interpreting the results in the literature.
We propose a new method to study clump formation
in simulations. Our method avoids the problems associated
with many of the algorithm-specific assumptions discussed
above. We seed clump formation events by hand and study
their growth in high resolution isothermal disks that do
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not include feedback. In this way, we can constrain the
initial mass of clumps formed in a variety of disks. These
are directly comparable to both observationally determined
masses and masses from theories of fragmentation.
The rest of the paper is laid out as follows. We begin by
examining the predictions from linear theory in section 2.
Linear theory is difficult to extrapolate to non-linear clumps
properties. Instead, we use it to design simulations to ex-
plore clump formation in disks ranging from Milky Way-like
cases to the heavy, turbulent disks expected at high red-
shifts. In section 3 we describe our controlled simulation ap-
proach which allows for high resolution and relatively easy
interpretation of the results. We make first use of our quiet
disks in section 4, looking at isolated, turbulent disks. These
simulations show typical outcomes for turbulent-type initial
conditions. Their purpose in this paper is to illustrate the
value of a more controlled approach. Finally, in order to
study the key scales for fragmentation and clump forma-
tion in a controlled way, we take a new approach of seeding
non-linear perturbations. We present details of the approach
and results in section 5. In section 6, we extrapolate from
our simulation results to estimate likely clump masses based
on disk conditions. Finally, in section 7 we discuss the ob-
servational implications of this study.
2 THEORETICAL EXPECTATIONS
While galactic disks are complex systems they are still
amenable to theoretical analysis. The classic analysis by
Toomre (1964) assumed a razor-thin, axi-symmetric system.
This analysis applies in the case where the perturbations are
effectively rings or very tightly wound (highly localized). In
this case the dispersion relation has three main terms,
ω2 = κ2 − 2piGΣ |k | + cs2k2. (1)
The terms representing rotation (the epicycle frequency, κ)
and pressure (the sound speed, cs) act to stabilize the pertur-
bations against gravity (Newtonian constant G) due to the
underlying surface density Σ. As the physical scale, given by
the wavenumber k, changes from large (k ∼0) to small, we
transition from being stabilized by rotation to sound waves
or pressure; a stabilized regime is one in which the oscilla-
tion frequency, ω2 > 0. A key physical scale is the Toomre
length,
λToomre =
4pi2GΣ
κ2
. (2)
Beyond this scale all perturbations are stabilized by rota-
tion. This sets a hard upper limit on the mass of clumps
collapsing directly from a single perturbation. This can be
translated into a mass, the Toomre mass, by assuming in-
trinsically circular collapsing regions,
MToomre = pi
(
λToomre
2
)2
Σ. (3)
This mass is sometimes used an initial mass for clumps
(Reina-Campos & Kruijssen 2017; Kruijssen 2012). How-
ever, this is somewhat ad hoc given that the linear disper-
sion relation applies to plane waves which would collapse to
filaments or rings in the case of axi-symmetric global per-
turbations. So based on linear, axi-symmetric theory it is,
at best, a rough guide.
At intermediate scales, λ ∼ λToomre/2, gravity is at its
most effective relative to stabilizing forces and ω can be
imaginary (unstable) if the Toomre Q parameter is less than
one,
Q =
csκ
piGΣ
< 1. (4)
This critical scale of λToomre/2 is a starting point for a char-
acteristic scale for fragmentation. The aforementioned vio-
lent disk instabilities are effectively non-linear Toomre in-
stabilties. Thus the Toomre Q parameter should be a guide
to locations where gas and stellar clumps can form (Inoue
et al. 2016). It has been suggested these instabilities are di-
rectly involved in setting clump masses until z∼1-0.5 (Cac-
ciato et al. 2012).
There are several complicating factors with applying
these results directly to galactic disks. The first is that real
disks are not razor thin. The primary impact is that disks
can have Q as low as ∼ 2/3 without being unstable to axi-
symmetric modes depending on how thick the disk is (Romeo
& Wiegert 2011). Secondly, galaxies are comprised of both
gas and stars which act together and affect each other’s in-
dividual stability (Goldreich & Lynden-Bell 1965a; Romeo
et al. 2010; Agertz et al. 2015). Another limiting complica-
tion is that the linear theory is a local approximation and
does not apply for structures that are comparable in size to
the disk.
A key feature of these linear modes is that the growth
rate is independent of both the amplitude and time so that
for ω2 < 0 they are predicted to grow indefinitely so that
finite disturbances may result. In other words, perturbations
can grow indefinitely without being limited by rotation.
A less commonly considered factor is the assumption
of axi-symmetry or tight winding. It is widely recognized
that disks grow large-scale perturbations (e.g. spiral struc-
ture) for supposedly stable Q-values in the range of 1-2. Sec-
ondly, the structures that grow are not axisymmetric. Axi-
symmetry greatly simplifies the dynamics as such perturba-
tions do not elongate due to shear. Local non-axi-symmetric
perturbations including the role of rotation and shear were
examined by Goldreich & Lynden-Bell (1965b). In this case,
the behaviour of plane waves does not simplify to a quadratic
dispersion relation and even linear waves must be integrated
as differential equations. Here we present the evolution equa-
tion for small amplitude surface density perturbations in the
form given by Jog (1992), and simplified for the case of a sin-
gle gaseous component,(
d2θ
dτ2
)
−
(
dθ
dτ
) (
2τ
1 + τ2
)
=
−θ
4A2
[
κ2 +
8AB
1 + τ2
− 2piGΣky
√
1 + τ2 + c2s k2y(1 + τ2)
]
, (5)
where θ = δΣ/Σ is the fractional perturbation to the gas
surface density, τ = 2At− kx/ky is a dimensionless time (such
that the perturbation is radial at τ = 0), Σ is the unperturbed
surface density, κ is the epicycle frequency, A and B are the
Oort constants, (kx, ky) is the wavevector, and cs is the gas
sound speed.
The terms in the square brackets are directly analo-
gous to the terms in the axi-symmetric dispersion relation,
Eqn. 2, and reduce to it in the appropriate limit. The first
two terms represent shear and rotation but with an added
MNRAS 000, 1–16 (2015)
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time dependence associated with the instantaneous orienta-
tion of the wavefront. The latter terms depend on the instan-
taneous wavenumber which is sheared and thus minimized
near τ = 0. The pressure term always dominates for very
early and late times.
Thus the behaviour of these linearized equations (in θ)
is such that growth occurs briefly near τ ∼ 0 as the waves
transition from leading to trailing, as noted by Goldreich &
Lynden-Bell (1965b) and Jog (1992). The behaviour is os-
cillatory for other times. This means that the net growth
is limited. Thus to achieve interesting outcomes from a rel-
atively quiet start we must have multiple cycles of growth
enabled by non-linear (e.g. wave to wave) interactions that
reform leading waves. Put another way, to achieve bound
structures we must start with substantial perturbations and
grow these.
In the vigorously star forming disks of interest, we have
feedback and turbulence to provide non-linear perturba-
tions. For example, individual superbubbles sweep up mate-
rial on kpc scales. Interactions of many feedback events are
expected to result in a turbulent velocity spectrum over a
range of scales up to of order the disk scale height. Structure
in the disk, such as pre-existing spiral modes, can also ex-
tract energy from the disk rotation to power turbulence on
scales similar to the spiral waves themselves; this is compa-
rable to the disk size for very unstable disks. Thus we would
argue from the theory that the growth of finite, non-linear
perturbations is a consistent picture of the development of
bound clumps.
3 SIMULATION METHODS AND DISK
MODELS
Astrophysical simulations always struggle to resolve the tur-
bulent cascade and small scale structures developed through
the coupling of turbulence and thermal instabilities. Taken
from a broad perspective, however, turbulence behaves simi-
larly to a polytropic gas. For this work, we have used isolated
disks with an isothermal equation of state which is very sim-
ple to model relative to the full complexities of small scale
turbulence. However, it directly provides the effective sup-
port we require of the turbulence and simultaneously pro-
vides a simple, straightforward model for the cooling losses.
The effective equation of state of the ISM is complex but
broadly similar to an isothermal one. In particular, Goldre-
ich & Lynden-Bell (1965b) show that for equations of state
with polytropic index γ ∼ 1, non-linear unstable clumps will
remain unstable and continue to collapse. Thus with this
choice we can have confidence regarding the future fate of
collapsing regions.
All of the disk simulations presented here use a static,
logarithmic halo potential (Binney & Tremaine 2008) to rep-
resent the background of the dark matter halo, bulge and
old stellar disk. This provides a well defined rotation curve
(i.e. κ(r)). In all of the simulations discussed here we set the
rotation velocity at 220 km/s. However, there is a small ad-
justment to this rotation curve due to the gas component.
The gas surface density is exponential with a scale length
of 5 kpc from 2 to 12 kpc with a smooth tailing off to zero
below 2 kpc and beyond 12 kpc. Combined with a constant
sound speed, this generates a Toomre Q that varies slowly
in the active region from 2 to 12 kpc with a minimum value
at ∼ 5 kpc, and with values exceeding twice the minimum
below 2 kpc and beyond 12 kpc.
We use the modern smoothed particle hydrodynamics
code Gasoline (Wadsley et al. 2004, 2017) to simulate the
gas component, including self-gravity with a softening length
of 10 pc. We have experimented with applying a Jeans floor
that increases the effective pressure where the Jeans length
is unresolved (following Robertson & Kravtsov 2008). How-
ever, we find that for the simulations discussed here this
makes no difference to the amount of fragmentation. We
do not directly apply a star formation or feedback model as
these contain subgrid prescriptions that are code dependent.
Additionally, there is still debate regarding the importance
of different types of feedback (Murray et al. 2010; Hopkins
et al. 2012).
We have built three disk models for this work and their
properties are summarized in Table 1. These models cover
a range of galaxy masses quoted in the literature: from a
Milky Way sized galaxy to a galaxy that is massive enough
to evolve into a present-day elliptical.
The first is modelled after a Milky Way-type disk, anal-
ogous to a less massive high redshift object (which we have
labelled cold). It has a total gas mass of 6.95×109 M and we
use 5.56 million particles. The gas sound speed is 5 km/s,
with a gas particle mass of 1250 M. These smaller mass
objects are more typical of lensed samples, as here we are
just sampling the galaxy luminosity function.
For the second disk (warm) we have modelled a more
massive disk, which is a closer comparison to a high red-
shift turbulent, gas-rich disk. This case has a total gas mass
of 1.96×1010 M. Here the gas sound speed is increased to
14 km/s to mimic the larger amount of turbulence present
in high redshift galaxies (Fo¨rster Schreiber et al. 2009). To
leave the effective resolution and Q parameter the same we
then increase the gas particle mass to 3535 M.
Finally, the third disk (hot) is the most massive and
warmest of the three. This case has a total gas mass of
5.56×1010 M. The gas sound speed is raised to 40 km/s.
Again, to leave the effective resolution the same this results
in a gas particle mass of 104 M. Galaxies in this higher
mass range are more comparable to samples like that of Guo
et al. (2018) for example. These galaxies which are already
this massive at high redshift will likely become massive el-
lipticals by the present day.
Since we are interested in triggering clump formation,
the surface density profiles chosen are such that the initial
Toomre Q parameter lies near the border line of stability.
We choose 5 kpc as the galactic radius of interest, where Q
is at a minimum. At 5 kpc, the cold disk has an initial Qmin
of 1.07, the warm disk has an initial Qmin of 1.15, and the
hot disk has an initial Qmin of 1.1. The target value of Q
was 1.1 but the effects of self gravity of the gas disk made
it hard to get a precise Q, particularly for heavier disks.
For reference, a razor-thin disk stable to axisymmet-
ric, linear perturbations has Q above 1. In other tests, not
reported here, we find that for values above Q ∼ 1.3, it is
difficult for even fairly large perturbations to push regions
toward gravitational instability. Since high-z galaxies have
substantial inflows, we expect that they will always evolve to
a point with Q between 1 and 1.3 so that clumps can form. It
MNRAS 000, 1–16 (2015)
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Table 1. The three main disk initial conditions discussed in this work.
name cs T mass Σg(R = 5 kpc) Qmin λToomre MToomre
cold disk 5.16 km/s 2 500 K 6.95 ×109 M 22 M/pc2 1.07 960 pc 1.5 ×107 M
warm disk 14.59 km/s 20 000 K 1.96 ×1010 M 61.6 M/pc2 1.15 2.4 kpc 2.9 ×108 M
hot disk 35.75 km/s 120 000 K 5.56 ×1010 M 176 M/pc2 1.1 5.4 kpc 4.1 ×109 M
should be noted that none of our disks form clumps or stray
from axisymmtery when they are evolved unperturbed.
The Truelove criterion states that in a mesh code four
cells are needed to resolve the Jean’s length accurately (Tru-
elove et al. 1997). A similar criterion exists in SPH simula-
tions, where we require that the Jean’s mass be greater than
the neighbour number multiplied by the particle mass (Bate
& Burkert 1997). We are able to resolve the Jean’s mass up
to 100 cm−3 in all of our disks, and up to 105 cm−3 two of
our three disks. The disk in question is the coldest disk. We
have re-simulated higher resolution cases for a subset of our
disks. In these cases we increase the resolution by splitting
each gas particle eight times. In these high resolution cases
we find no changes to the fragmentation or clump mass.
4 TURBULENT DISK SIMULATIONS
We begin by studying how turbulence can drive clump for-
mation using full turbulent disk simulations. To create these
cases, the entire disk is overlaid with a turbulent spectrum
in a manner similar to Price & Federrath (2010). We ap-
plied a Burgers’ turbulent spectrum (k−4) with a peak scale
of 2 kpc to the initially quiet disks from Section 3. This
gives an rms turbulent velocity of 7, 20 and 50 km/s in the
cold, warm and hot disks, respectively. There is no stellar
feedback to sustain the turbulence so it decays over a few
crossing times. Results at time 40 Myr are shown in the left
column of Figure 1, this is slightly more than twice the shear
time (κ−1). These disks are clearly visually clumpy, but we
require a more quantitative measurement.
If we look closely at the galaxies in Figure 1 there is
also some faint spiral structure present, particularly in the
warm and hot disks. Inoue & Yoshida (2018b) and Inoue
& Yoshida (2018a) have put forward a theory for massive
clump and cluster formation from spiral arms. However, in
our simulations it is not clear if the spiral arms drive clump
formation or vice versa. For this reason, in the following
sections, we do not draw explicit comparison between the
models of Inoue & Yoshida (2018b).
4.1 Measuring Clump Masses
For cases that are able to produce a clump structure, we
must be able to assign a mass to these objects. We use
two different approaches to assign clump masses. To study
clump masses in manner similar to radio frequency observa-
tions (e.g. Colombo et al. 2014), we use the package astro-
dendro (Rosolowsky et al. 2008) to identify massive, dense
structures in our simulations. As a second approach we use
SKID (Spline Kernel Interpolative Denmax)1 to identify
1 https://github.com/N-BodyShop/skid
bound objects in our simulations. We have chosen to identify
”clumps”, which could be the progenitors to star clusters, as
bound objects. SKID is able to identify groups of bound gas
particles and so is perfect for this purpose.
4.1.1 Finding clump masses with Astrodendro
The package astrodendro uses dendrogram trees to iden-
tify related structures. Dendrograms are particularly use-
ful for identifying objects embedded in larger hierarchical
structures, in a way that requires limited parameter choices
(Rosolowsky et al. 2008; Colombo et al. 2015).
In order to pass data through the astrodendro package
we convert all of our data into synthetic FITS files. For this
conversion we use the method of Ward et al. (2012), wherein
particles are mapped into pixels and then smeared using
the the SPH smoothing kernel. To make the identification
more straightforward we zoom in on a region surrounding
the clump, with a width of 1 kpc. For this analysis we use
pixel sizes of 10 pc. At this time we do not make any attempt
to map the gas to CO emission, and instead use the surface
density.
The only parameter we set in astrodendro is a mini-
mum value required for a pixel to be considered part of the
tree. We have experimented with other parameters (min-
delta, minnpix), but find that at our resolution they make
little difference. We experiment with two thresholds for the
tree. The first is a surface density of 100 M/pc2, above
which we can estimate that star formation would proceed.
This is close to the extinction threshold of Lada et al. (2010).
The second is a surface density of 10 M/pc2, above which
gas transitions to being mostly molecular (Bigiel et al. 2008).
We find that this threshold makes little difference to the
masses of the objects found. From this point on, we use the
higher threshold of 100 M/pc2 to build the trees.
4.1.2 Finding clump masses with SKID
SKID is an Nbody group finder. It identifies structures using
a friends-of-friends algorithm. Each structure then has un-
bound particles removed. Thus the final group contains only
the bound mass formed. To find these masses with SKID
the only essential parameter is a linking length. We choose
a group linking length of 20 pc. Additionally, we consider
only particles above 100 cm−3, as these particles are dense
enough to be part of the molecular medium. When recording
the mass using SKID we take the mass of the central bound
object. For the remainder of this section we report results
using only SKID. We defer a detailed comparison of SKID
and AstroDendro to a later section.
MNRAS 000, 1–16 (2015)
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Figure 1. Mass distributions for clumps formed in the turbulent disks. Top: surface density maps of the disks at 40 Myr (this is the time
at which all mass measurements are made) These show the entire disk and are 20 kpc across. Bottom: clump mass distributions measured
using SKID. The dashed line shows the Toomre mass for each case. The light and dark grey shaded regions show the characteristic mass
estimated using a radius of λToomre/4 and λToomre/2, respectively. In the distributions, the blue short lines show the masses of each of
the clumps to illustrate how the clumps are distributed between the bins. As the mass of the disk is increased, the mass of the clumps
formed likewise increases. In all cases the clumps formed are less massive than the Toomre mass, sometimes by an order of magnitude.
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Figure 2. A comparison of the clump masses found by astrodendro versus SKID in the cold (left) and warm (right) disk. The green
line shows the clump mass found by astrodendro as a function of time. The teal line shows the mass found by astrodendro if the initial
resolution of the map is degraded to 100 pc. The purple line shows the bound mass identified by SKID as a function of time. The circles
denote the time at which we record the mass measurement.
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4.2 Clump masses in the turbulent disk
Figure 1 shows results for the cold, warm and hot disk. The
top row of Figure 1 shows the surface density maps while the
bottom row shows the mass histograms for bound objects in
the disk at the chosen measurement time. The Toomre mass
is plotted in each histogram as the dashed line. The maxi-
mum masses produced are 5.3 × 106 M, 1.1 × 108 M and
2.5 × 108 M for the cold, warm and hot disk, respectively.
At first pass, our results do not agree with our estimate of
the Toomre mass.
When comparing simulations to analytic theory, as-
sumptions and interpretations must be made. These inter-
pretations manifest themselves in the transition from a theo-
retical length scale to a measurable mass. The Toomre length
is the largest linear mode that can collapse for a given disk
rotation profile. The actual largest scale of collapse is ex-
pected to be smaller; commonly used multiples include 1/2,
1/4 or even 1/16.
We may instead choose to compare to the fastest grow-
ing mode, or the critical wavelength, λToomre/2. This leads
to masses a factor of four smaller than the Toomre mass.
This region is shaded in dark grey in Figure 1. We may also
assume that the entire unstable region does not contribute
to the growth of the final bound object. For instance, Dekel
et al. (2009) assume that only the inner λToomre/4 collapses.
This region is shaded in light grey in Figure 1 and this lowers
the mass estimate by an order of magnitude.
One can attempt to include turbulence as a stabiliz-
ing factor. For example an effective Toomre parameter can
be estimated by replacing the sound speed, cs, with a com-
bined term,
√
c2s + σ2. If we consider this higher amount of
turbulent support our disks have initially higher Q values,
around 1.5-1.7. Further, the current formulation we use for
the Toomre length assumes that rotation is the maximum
limiter. Intermediate between stabilizing contributions from
pressure and rotation lies the most unstable scale:
λMU =
2σ2
GΣ
. (6)
We find that with the amount of turbulence present in the
disks λMU is larger than our calculated Toomre length. For
the cold, warm and hot disk these are 1.6 kpc, 4.6 kpc and
9.9 kpc, respectively, approaching the size of the disk itself.
However, it is not clear that turbulence should be
treated in the same sense as thermal pressure in this con-
text. Thermal pressure contributes uniformly to the stability
of the disk. Turbulence, however, is intermittent (i.e. may be
absent in a specific region) and depends on the scale of mea-
surement. Further, the wavelengths calculated above are far
too large to act as limiters or predictors of structure for-
mation. As we have seen in the simulations in this section,
turbulence quickly leads to non-linear fragmentation.
The results depend on parameters of the turbulence,
which are difficult to pin down. Additionally, the largest
clumps are rare and are difficult to quantify using turbulent
simulations due to small number statistics. In the following
sections we will no longer consider our turbulent simulations.
5 SEEDING CLUMP FORMATION
Turbulent disks simulations have set an expectation for the
range of clump masses possible in this work and others. How-
ever, they are not an ideal comparison point, rather they
have illustrated the complexity of the problem. In particu-
lar, it is not possible to link each clump with the size scale
and strength of the perturbation that seeded it. If we wish
to compare to theoretical expectations we require a more
controlled setup.
5.1 Seeding clump formation in quiet galaxies
In this section, we present a new approach to studying clump
formation, or more generally the formation of bound struc-
tures, in simulations. In nature, turbulence is generated on
large scales and then cascades down to feed smaller scales.
It is these smaller scales which are of key interest in star
formation. However, simulations struggle to capture the full
turbulent cascade; it is difficult to resolve and maintain the
full turbulent spectrum at the resolutions available for most
galaxy-scale simulations (Kritsuk et al. 2007).
In Section 4, we avoided this problem by laying down
a spectrum of turbulent velocities at the beginning of the
simulation. The shape of our perturbation is modelled by
the function
∆®v = −v0
(
r
l/4
)
e−0.5(r2/(l/4)2) e0.5 · rˆ, (7)
where r is the distance from the centre of the perturbed
region, v0 is the chosen perturbation velocity, and l is the
chosen perturbation wavelength. We choose this form such
that vmax = v0 at r = l/4, similar to a sine wave with wave-
length l but quickly returning to zero. For this function, the
divergence is almost uniform (and negative) for r < l/4 and
then smoothly returns to zero. Thus the characteristic col-
lapse time is l/(4v0). We would expect that in nature such a
convergent flow may be caused by neighbouring superbubble
events, as one example.
Effectively, we are introducing a radially compressive
mode in the region of interest, such as could be generated
by local feedback events. By then choosing different combi-
nations of disk mass, perturbation wavelength and perturba-
tion velocity, we can build a large parameter space of cases.
In this way we can explore the conditions that led to bound
structure formation in disks of different masses.
5.2 Comparison of SKID and astrodendro
The clump masses as found by SKID and astrodendro agree
when compared, after 30 Myr (the differences in the warm
disk are no more than a factor of two). To illustrate this
agreement, we choose two of our seeded clumps and follow
their masses as a function of time with both SKID and as-
trodendro. The results of this analysis are shown in Figure
2. The left panel shows the results for a cold disk with a
wavelength of 1 kpc and perturbation velocity of 10 km/s.
The right panel shows the results for a warm disk with a
wavelength of 1 kpc and a perturbation velocity of 30 km/s.
The different coloured lines show different different clump
finding methods; the purple line shows the results for SKID
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Figure 3. The evolution of the surface density for perturbations
in the cold disk. The lines plot the surface density in a 50 pc aper-
ture centred on the initially perturbed region. The cases with the
smallest velocities, 1 and 2 km/s, show examples of perturbations
that failed and could not produce a clump. The larger velocities,
5, 10 and 15 km/s, show examples of perturbations that produced
a central clump.
while the green line shows the results for astrodendro in
each panel. Additionally, the teal line shows the results for
astrodendro with the resolution degraded from 10 pc to 100
pc.
There are significant differences in the identified masses,
but these differences occur while the clumps are still forming.
The important region to consider is the span of time after
which an identifiable bound object is formed. As mentioned
previously, we take our mass measurements after ∼ 30 Myr,
this time is denoted as an open circle in Figure 2. In the
cold disk, after this time, there is less than 10% variation
between the different methods. As noted above, there are
slightly larger differences when looking at the warmer disk,
where the background surface density is intrinsically higher.
5.3 Clump Evolution
As mentioned previously, for the purposes of analysis we de-
fine a ”clump” as a bound gas structure. We further require
that this structure formed as a result of one of our seeded
perturbations. To identify cases that are able to grow struc-
ture, we track the surface density of the perturbed region.
For each case, we track the surface density in a 50 pc aper-
tures centred on the initially perturbed particles. A sample
plot for the evolution of the surface density with time can be
seen in Figure 3 for five cases. The cases in Figure 3 span a
range of velocities, from 1 to 15 km/s, but the wavelength of
the initial perturbation is held constant at 1 kpc. The evo-
lutionary tracks separate themselves into two distinct sets,
those that increase in surface density and those that do not;
we will discuss this in depth in the following sections.
To help visualize what our clump evolution actually
Figure 4. Evolution of the surface density for different clump
formation scenarios over time. Top row : a failed clump, as dis-
cussed in Section 5.4. Second row : a central clump, as discussed
in Section 5.5. Third row : two ring clumps, as discussed in Sec-
tion 5.6. Bottom row : a filament, as discussed in Section 5.7. The
image axes denote the x and y dimensions in the plane of the
disk. The direction to the centre of the disk varies from frame to
frame. The snapshots are 1 kpc across.
looks like, we have plotted sets of surface density maps in
Figures 4 and 5. For Figure 5, the snapshots are taken at
the shear time,
tshear =
1
κ
, (8)
where κ is the epicycle frequency for the disk. In this case
the shear time is 15.5 Myr. This is the time to shear out a
distance equal to your size.
We choose the shear time as the time to take repre-
sentative snapshots as the perturbations have their fate de-
termined by this point. On this timescale, a sheared struc-
ture can be shifted by order its own size; it is the period
of a full epicycle. In this disk there are two main ways for
a perturbation to fail. The first is thermal support due to
the background sound speed in the disk. The second results
from rotational support: this rotational support is associated
with the initial shear and any later stretching due to ongoing
shear. Thus, after one epicycle the perturbation should have
started to collapse, or otherwise have begun to be sheared
apart.
For the remainder of this section we discuss only the
cold disk and use it as a case study to illustrate key con-
cepts. All of the behaviour and cases discussed occur in all
three of our galaxy disks, just in different regions of the l − v
parameter space.
5.4 Failed Perturbations
Referring back to Figure 3, two of the cases, with velocities
of 1 and 2 km/s, are examples of perturbations that were not
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Figure 5. Sample surface density images of different perturbations in the cold disk. There are four different types of cases when
considering the evolution of the perturbation. Weak perturbations, with low velocity are clear failures; these images are outlined in red.
Successful cases are those that form a dense object at their centre, where the original perturbation was centred. These cases are outlined
in dark purple and occupy a distinct region in the l-v space. Strong perturbations, with high velocity, often lead to the formation of ring
clumps. These cases are outlined in light purple. Lastly, are cases we label as filamentary. These are cases that exceed the maximum
mass per unit length of a filament for fragmentation. These cases are outlined in yellow. These snapshots are taken at the shear time for
the disk, ∼ 15.5 Myr, and are 1 kpc across.
able to grow. Initially, they experience an increase in surface
density, however, by ∼ 50 Myr, both have turned over and
decrease until they oscillate around the background surface
density of the disk; they are stabilized by rotation and pres-
sure. This behaviour can be seen in the top row of Figure
4, where a sample surface density map is shown, in time
spacings of 10 Myr. After 38 Myr of evolution, right before
we take a mass measurement, there is no dense structure
present. Cases like these are deemed ”failures” and, looking
at Figure 5, they occur mainly in the low velocity range.
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We can further define these cases as those that experience a
turnover in their surface density.
The bottom two rows in Figure 5 show examples of
failed cases, which are outlined in red. In a direct analogy
with the Toomre criterion for linear perturbations, clump
collapse can be opposed by both rotation and pressure. The
relevant timescales are the shear time and the sound-crossing
time. Typically, depending on the scale, one of these dom-
inates within a small region. Within a region roughly half
the Toomre length, they are comparably important. This
is quite similar to expectations for the linear, axisymmetric
case (i.e. the Toomre criterion) and the non-axisymmetric
case (Goldreich & Lynden-Bell 1965b). In both those sce-
narios, and in this work, it is always the case that pressure
and rotation work together to dissipate structure. Moving
away from axisymmetry slightly boosts the role of rotation
(see eqn 5).
The failed cases in Figure 5 trace out a rough parabolic
shape. This parabola is reminiscent of the growth rate as
a function of k for the Toomre instability. In the pure ax-
isymmetric case, rings cannot shear and so the shear time
is not important. In that case, any growth rate larger than
zero leads to the growth of structure. However, in our non-
axisymmetric case, rings can shear. This means that the
growth rate must compete with the shear time: if the growth
rate is not sufficient, perturbations will be sheared apart be-
fore structure forms. In our study, this is the case for long
wavelengths. For shorter wavelengths the competition comes
down to the pressure, or the sound crossing time. At those
wavelengths, the sound crossing time must be less than the
collapse time. In the coldest disk, this effectively requires
that the perturbation velocity be larger than 5 km/s.
5.5 Central Clumps
Cases where clumps have formed in the centre of the initially
perturbed region are the easiest to interpret. They can easily
be identified because the evolution of their surface density
shows a rapid phase of increase, followed by a phase of con-
stant, steady growth. In Figure 3 the cases with velocities of
5, 10 and 15 km/s are perfect examples of cases that form
central clumps.
We note that at later times, when the surface density
has climbed too high, these clumps are numerically poorly
resolved. We know that they are bound and expected to
collapse further. This has been shown analytically by (Gol-
dreich & Lynden-Bell 1965b) for non-linear collapsed per-
turbations with an isothermal equation of state. However,
the precise evolution of the surface density with time would
require adaptive resolution beyond that employed here. For
that reason, we do not place any special meaning on the
steady exponential growth phase seen for collapsed objects
past ∼ 50 Myr (as is seen in both surface density and mass,
as shown in Figures 2 and 3).
We are also able to identify trends between the initial
perturbation parameters and the resulting surface density
of the central region. We see that as the initial velocity is
increased, within a shear time, it is possible to get higher and
higher surface densities. This effect does begin to saturate if
the velocity gets too high, above ∼ 15 - 20 km/s (see next
section).
The second row of Figure 4 shows an example of the evo-
lution of a central clump. There is a stark difference when
this case is compared to the surface density of the failed
case. For a central clump, already by 8 Myr the surface den-
sity in the middle of the perturbed region has surpassed
100 M/pc2 and by 28 Myr there is clearly a dense bound
structure present. In Figure 5 these central collapse cases are
deemed ”centrals” and outlined in dark purple. They occupy
a specific region of the l − v space.
For this scenario of clump formation, in the cold disk,
masses between 8.47×105 M and 1.6×107 M are possible.
All the results for our measured clump masses are plotted
in Figure 7, where the top panel shows the cold disk we
discuss in this section. Clumps that form by fragmenting in
the centre of the perturbation, as discussed here, are plotted
as filled symbols. In Figure 7 we can see general trends with
both velocity and wavelength. Generally, as the velocity is
increased, the masses of the central clumps also increase.
Similarly, as the wavelength of the perturbations is increased
the masses of the clumps formed tend to increase as well.
5.6 Ring Clumps
A clump forming in the centre of a perturbation in the lo-
cation where all of the velocities were directed is the most
straightforward situation. However, there are more compli-
cated scenarios that lead to the formation of bound struc-
tures. One such scenario involves the fission of a ring-like
structure. The perturbations are initially directed radially
inward. The higher the initial velocity, the larger the radius
from which material can reach the centre quickly, within
the shear time, for example. The angular momentum of the
initial disk material with respect to the centre of the per-
turbation increases as r2, where r is measured from the per-
turbation centre. Therefore, for large velocities the angular
momentum per unit mass of the initially collapsed clump be-
comes quite high. This high angular momentum can cause
the centre region to have too much rotational support and
thus re-expand as a ring.
This ring expands and, as it does, is caught in the large-
scale shear flow. This means that portions of the ring can
be dragged spinwise or counter-spinwise until they are ul-
timately stretched out to join tidal-like features. The rings
thus have strong m=2 type modes, which results in two over-
densities rather than one.
The third row of Figure 4 shows an example of the evo-
lution of two ring clumps. Here again by 8 Myr the sur-
face density has exceeded 100 M/pc2, this time in the ring
structure. By 20 Myr, the two ring clumps have begun to
fragment. By 38 Myr, the ring has begun to be sheared
apart, and the two ring clumps are clearly visible. Frag-
mentation in high spin cases leading to multiple objects has
been found to occur in protostellar disks (Kratter & Matzner
2006; Kratter et al. 2008).
Since this scenario requires a large angular momentum
per unit mass in the centre of the perturbed regions, these
cases are seen at high velocities. In Figure 5 the ring cases
are outlined in light purple and can be found for cases with
v & 20 km/s. For the final masses in these cases we take the
total bound mass of the two ring clumps.
The clumps formed from rings tend to have similar
masses to central clumps when the two bound structures
are counted together. In this case, total masses of between
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9 × 105 M and 1.8 × 107 M are typical in the cold disk.
When considered individually though, the clumps are less
massive than those formed through the central fragmenta-
tion scenario. In Figure 7 the open symbols show the masses
of ring clumps. Generally, these clumps follow the same
trends as the central clumps. As the velocity is increased
the clump mass increases, and as the wavelength is increased
the clump mass increases. We can also see that, in general,
the ring clumps have total masses that are higher than the
central clumps. These high spin objects are consistent with
the idea that observed large objects could be the result of
beam crowding. In that case, we would actually be seeing
the mass of multiple clumps in close proximity that formed
out of a similar structure.
5.7 Filamentary Fragmentation
As noted earlier, when considering non-axisymmetric per-
turbations and long enough timescales, shear dominates the
evolution of everything except the innermost bound clump.
The shear will eventually draw the unbound material out
into ever elongating tidal arm features. In an unrealistically
quiet disk (such as in the controlled cases here) and over very
long timescales, this material is wrapped to form a ring-like
structure. In practice, the galaxy would have other pertur-
bations acting on smaller timescales that break the the ma-
terial up and use it to form other structures. However, there
is an intermediate stage where the features are drawn out
into filaments.
Perturbations with long wavelengths can exhibit a dif-
ferent mode of fragmentation. As time passes the long struc-
tures begin to behave like star-forming filaments. Such a fila-
ment will begin to fragment once it’s mass exceed the critical
line mass,
Mline =
2c2s
G
(9)
where cs is the sound speed and G is the gravitational con-
stant (Inutsuka & Miyama 1997). For our coldest disk the
line mass works out to 11,624 M/pc. The average width
of our long wavelength filaments is on the order of 40 pc.
This means that our filaments only have to exceed surface
densities of ∼290 M/pc2 to be above the critical line mass
and begin to fragment.
As time goes on and shear continues to operate, the
filaments become more and more drawn out, decreasing the
mass per unit length. This suggests there is a set time limit
for the fragmentation in these objects to begin. If the original
density of the filament is not high enough they will just be
sheared apart.
We see this exact behaviour in many of our long wave-
length perturbations. The bottom row of Figure 4 shows
an example of a perturbation that develops filamentary be-
haviour and then fragments. By 18-28 Myr the density in
the filament has begun to exceed the critical surface den-
sity calculated above. Indeed, by 38 Myr the filament has
completely fragmented.
More examples of these filamentary cases can be seen
on the right side of Figure 5, outlined in yellow. We label
any structure produced by this phenomenon as secondary
fragmentation. While it does lead to bound structures, there
is different physics responsible for their production on top
0 5 10 15 20 25 30
v (km/s)
0.00
0.01
0.02
0.03
0.04
0.05
0.06
0.07
0.08
P
(v
)
l=0. 25 kpc
l=1 kpc
l=3 kpc
Figure 6. Sample probability distributions for three different
wavelengths in the cold disk. These are generated assuming a
spectrum of the form shown in equation 10. These are examples
of the spectrums used to generate the most likely mass for each
wavelength. As we can see from the plot, for the cold disk. veloc-
ities above 15 km/s are very unlikely.
of our initial perturbation. In general these fragments are
less massive than the central or ring clumps for comparable
wavelengths and velocities. For example, at a wavelength of 2
kpc and a perturbation velocity of 10 km/s, the filamentary
fragments are on average 2.4 × 106 M. As noted above,
only very quiet disks would get the opportunity to use this
mode of fragmentation so we have elected not to use it when
comparing to observed disk properties. These masses are not
included in Figure 7 or in any of the following discussion of
mass.
6 WHAT IS THE MOST LIKELY CLUMP
MASS?
In this section we use our measured clump masses to de-
termine the most likely clump mass in a given galaxy. We
begin with the coldest disk in our sample. In nature, bound
structures, like clumps, are seeded by a cascade of turbulent
energy. An extensive amount of work has been done to char-
acterize the nature of this turbulence in molecular clouds
(Myers 1983; Solomon et al. 1987; Kritsuk et al. 2013). There
is a correlation between the velocity dispersion, or linewidth,
and the size of a region (Larson 1981). Larson’s first relation
states
σ = A l1/2, (10)
where σ is the velocity dispersion, A is the normalization,
and l is the scale at which that velocity is generated. For
the cold disk, we assume that turbulence is generated by
superbubbles, as it is in Milky Way-type galaxies. This gives
σ0 = 10 km/s, which is generated on a scale on the order of
the scale height of the galaxy, l0 = 1 kpc.
In order to assign a likelihood to each of our clump
masses, we assign a probability to the velocity that seeded
it. To assign this probability, we next assume that all of
the velocities at a given wavelength are drawn from Gaus-
sian distributions. Samples of the Gaussian distributions are
shown in Figure 6 for three different wavelengths; 0.25, 1
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and 3 kpc. Generating turbulent velocities by drawing from
a Gaussian distribution is common practice (e.g. Price &
Federrath 2010).
In general, coherent velocities on large scales above 10
km/s begin to get more and more unlikely. By convolving
these probabilities with the clump mass distributions that
result from each velocity we can determine the most likely
mass at each wavelength. The results of this analysis are
shown in the top panel of Figure 7. In the middle panel of
Figure 7 we plot the mass distribution for the warm disk,
and the hot disk in the bottom panel. For these cases we
assume a velocity dispersion of σ0 = 50 km/s (Wisnioski
et al. 2015). For the generation scale, we assume that this
level of turbulence would be generated on a disk scale length,
on the order of 3 kpc.
It is important to note that this study is useful for
providing upper bounds on clump masses formed via frag-
mentation, since we do not include any star formation or
feedback and do not account for any late stage accretion.
That being said our approach offers a way to identify the
most likely space for clump formation to operate in a given
galaxy. In Figure 7 the dotted black line shows the most
likely mass at each wavelength, while the grey shaded re-
gions shows the 1σ probable region. We can see that in the
cold disk, it is possible to get objects that begin to approach
the predicted Toomre mass. However, the velocities required
to form these objects are very high; they are not probable
velocities. This in turn implies that while it is possible to
make these larger bound structures approaching 107 M, it
is not a likely outcome. This remains true as the disk mass,
and thus the clump mass, is increased.
We can identify trends when considering the plots in
Figure 7. First, as the velocity of the perturbations is in-
creased, the mass of the resulting clumps increases. This is
expected based on the the same trend observed for surface
density in Figure 3. Second, there is a preferred mass scale
for objects in a given disk. For the coldest disk the preferred
fragmentation mass lies around 3× 106 M, and little varia-
tion is seen away from this. This preferred mass lies around
4 × 107 M and 5 × 108 M for the warm and hot disks,
respectively. As we increase the disk mass, of course, the
clumps that form are generally more massive.
Additionally, there is a preferred fragmentation length
in each disk. This length increases as the disk mass is in-
creased. It is not possible to form bound structures below
0.25 kpc, 0.85 kpc, and 2 kpc for the cold, warm and hot
disk, respectively. The physics behind these cutoffs was dis-
cussed in the previous section.
6.1 The Toomre Mass
As we did for the turbulent disk, we can compare the mea-
sured clump masses to the Toomre mass. As a reminder, for
the coldest disk in our sample the critical wavelength is 940
pc, while the Toomre mass is 1.5 × 107 M. The Toomre
mass is plotted as the orange star in Figure 7. The solid
black line shows what the enclosed mass would be at differ-
ent wavelengths. For the cold disk there is almost an order
of mass discrepancy between the Toomre mass, and the ex-
pected mass (dotted line) at the critical wavelength. As the
wavelength increases, so does the discrepancy between our
measured masses and the masses predicted by Toomre the-
ory.
In the warm disk, the critical wavelength is 2.4 kpc,
which gives a Toomre mass of 2.9 × 108 M. If we move
to the hot disk those get even larger, with a Toomre mass
of 4.1 × 109 M resulting from a critical wavelength of 5.4
kpc. These results are summarized in Table 1. Again, we see
that masses predicted from Toomre theory are consistently
over-estimates when compared to our seeded clump masses.
We find that our masses are between a quarter and half
of the expected Toomre mass. While the Toomre prediction
is linear in construction, as objects grow more dense and
fragment their behaviour is increasingly non-linear. This is
exacerbated by taking the results of a 1-d planar analysis,
and translating it to a 2-d estimate of the mass. For these
reasons, it is not entirely clear if discrepancies result from
the non-linear nature of fragmentation or the application of
that theory to mass predictions. Secondly, the system, and
few systems in nature, are axisymmetric. Finally, as the mass
of the disk and its sound speed increase, the critical wave-
length likewise increases. In our most massive, hottest, disk
the critical wavelength increases to 5.4 kpc. A critical wave-
length that large represents a significant portion of a galaxy
disk. In fact, at high redshift, that may be the entire radius
of the galactic disk. This has likewise been noted by Reina-
Campos & Kruijssen (2017). Through angular momentum
considerations alone this scenario is not possible: the col-
lapse of the whole disk is ruled out and thus l & rd must
fail. For these reasons the Toomre mass should be treated as
an absolute maximum mass, rather than a typical or even
achievable upper mass limit.
7 DISCUSSION & OBSERVATIONAL
IMPLICATIONS
Up to this point we have assumed very fine resolution for
our measurements. This makes our mass measurements most
comparable to high resolution work, like that of Johnson
et al. (2017b), with effective resolution of 40 pc. To compare
to a broad range of observational results we must try to
account for the possibility of coarser resolution.
We choose 1 kpc, to be comparable to the beams in the
CANDELS survey which are typically between 500 pc to 1
kpc. This is in the range of resolution for multiple other high
redshift surveys. To compare to the stellar mass of clumps,
we also estimate the location of newly formed stars in our
disks. We do not employ star formation and stellar feedback
in these simulations. However, we can tag likely locations
for star formation by identifying all gas that surpasses 116
M/pc2; this is the threshold identified by Lada et al. (2010)
for star formation. The simulations we use for comparison
in this section are the seeded disks, discussed in section 5.
To estimate the impact of beam smearing we then
change the way we assign masses to our seeded clumps. Up
until this point, the masses quoted are the masses of a sin-
gle bound structure at the centre of the perturbation or two
bound objects in the case of a ring structure. In this section,
we take all bound structures identified in the inner 1 kpc
around the perturbation centre. The results of this analysis
are plotted as the squares in Figure 8. These points show
the average of the masses found in each disk. The error bars
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Figure 7. The most likely clump mass. Top: the masses in our cold disk. Middle:the masses in our warm disk. Bottom: the masses in
our hot disk. In each plot the filled symbols denote central clumps, the open symbols denote ring clumps and the stars show the Toomre
mass at each wavelength. The grey dashed line shows the mean expected mass and the shaded region shows the 1σ deviation (see section
6). Our measured clump masses wind up being smaller than the predicted Toomre mass. The shaded 1σ region also shows us that, while
it is possible to get closer to the Toomre mass, it is not a likely case in nature.
show the standard deviation, found using the velocity aver-
aging method discussed in section 6.
We have had to make assumptions about the stellar
mass content of our disks. We are using isolated galaxies in
static potentials so our sample is not indicative of galaxies
that have high stellar mass content. Typical gas fractions
for galaxies above redshift 0.5 can fall anywhere between
0.2 and 0.8 (Morokuma-Matsui & Baba 2015). Here we take
the definition that the gas fraction is
fg =
Mg
Mg + M∗
, (11)
where Mg and M∗ are the total gas and star mass of the
galaxy, respectively. Again, since our galaxies cannot capture
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clumps is plotted as each of the filled squares. The vertical errorbars show the standard deviation of the data. The horizontal errorbars
show possible values of gas fractions for the conversion from gas to stellar galaxy mass, as well as account for the average sizes of observed
galaxies. Two observational samples are plotted for comparison. The black circles shows the average clump mass in 0.5 dex mass bins for
the sample of Guo et al. (2018) and the grey shaded region shows the range spanned by the data. The open circles show our estimate of
the clump mass for the lensed sample detailed in Livermore et al. (2015). To convert from the original SFR measurements of Livermore
et al. (2015) we assume that a clump’s lifetime is 100 Myr, and that the measured SFR is sustained for this entire time. The large red,
purple and blue filled circles show the level of beam crowding we would require to agree with the average CANDELS clump in a galaxy
of comparable mass.
the dynamics of those with a high stellar fraction, we take
the maximum possible gas fraction for our galaxies to be 0.5.
For comparison in Figure 8 we plot the sample of clumps
discussed in Guo et al. (2018). The clump stellar masses are
quoted from Table 4 of Guo et al. (2018), which used the
fiducial background subtraction algorithm. The averages of
the clump masses in galaxy mass bins of width 0.5 dex are
plotted as the filled black circles. The grey shaded region
shows the range of the minimum and maximum clump mass
in each bin. We also plot the higher resolution lensed clump
sample discussed in Livermore et al. (2015) as the open cir-
cles. We note that the sample of Livermore et al. (2015)
originally states only star formation rates for their clumps.
We have converted these to rough masses by assuming the
clumps form stars at this steady rate for their estimated
lifetime.
The clump lifetime is still a debated topic. Some the-
ories suggest that clumps migrate into the centre of galaxy
disks, which suggests their lifetimes must be longer than 150
Myr (e.g. Shibuya et al. 2016). Other studies suggest a quick
disruption due to strong feedback, giving a shorter lifetime
of around 50 Myr (e.g. Krumholz & Dekel 2010; Oklopcˇic´
et al. 2017). We take a clump lifetime of 100 Myr to convert
the sample. This value means our masses estimated from the
Livermore et al. (2015) sample will be an underestimate for
the mass if the clump lifetime is long, and an overestimate
if the lifetime is short in nature.
We note also that our measurement of the disk stellar
mass is influenced by our initial conditions. To avoid con-
tamination from the edge or centre of the disks, we have
seeded our clump formation events at R = 5 kpc in the disk.
In nature, for z > 1, typical effective radii for disks can be
anywhere between 1 and 8 kpc, with a median around 2-3
kpc and strong redshift dependance (e.g. Wuyts et al. 2011;
van der Wel et al. 2014). Our choice of seed radius is on
the large end of these typical sizes. We can estimate the im-
pact of this choice by imposing different truncation radii for
our disks in determining the total gas mass. For example,
if we take the disk mass at R < 2 kpc our mass estimate
changes by less than an order of magnitude. This difference
is already taken into account by the errorbars on the plot in
Figure 8. Importantly, the only place where this makes a dif-
ference to our interpretation is on the high mass galaxy end,
where the agreement between our results and observations
were close to begin with. We stress that this only impacts
the estimated stellar mass of our disks, and thus only the
comparison made in Figure 8.
On the lower galaxy mass end, for our cold and warm
disks, our sample agrees quite well with the findings of Liv-
ermore et al. (2015). For our most massive galaxy, the hot
disk, our clump masses agree well with both the Guo et al.
(2018) and Livermore et al. (2015) samples. As further com-
parison, the large blue, purple and red circles in Figure 8
show how many of our clumps would have to be crowded
in a beam to get our mass to the average Guo et al. (2018)
mass. For the cold, least massive disk, we would need to have
45 of our clumps in the beam. This number becomes more
reasonable as we move to higher disk masses, 11 clumps in
the warm disk and only 3 in the hot. These smaller factors
agree well with the the resolution scaling factors discussed
by Cava et al. (2018).
Our results suggest insights into clump formation, par-
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ticularly in galaxies on the lower mass end (below 1010 M).
We stress that the observationally measured mass of clumps
is not necessarily the mass at which they formed. Our re-
sults suggest that beam crowding likely plays a role in the
measurement of large clump masses in these smaller galax-
ies. Alternatively, clump mergers may play a role in build-
ing larger objects. Tamburello et al. (2015) also find that
clump-clump mergers are required to build the largest ob-
jects. If clumps are long-lived, late-stage accretion can also
build clump masses. On the higher disk mass end there are
other ongoing effects that we do not discuss nor attempt to
capture here. However, our results suggest that the largest
observed clump masses likely result from the crowding or
clustering of smaller objects into larger observational beams.
However, these results also come with caveats. First, we
stress that our results should only be used as upper bounds,
as we do not include the effects of additional fragmentation,
variable star formation efficiency or stellar feedback on clus-
ter mass. Second, we present here a very limited sample.
We have simulated only three different types of galaxies, all
of the same size and all with similar Q. To firm up these
results we would need a larger galaxy sample, spanning dif-
ferent sizes, surface densities and rotation curves. A future
direction for this work would be explicit modelling of galax-
ies in the observational literature. We leave this to future
papers.
8 SUMMARY & CONCLUSIONS
In this work, we have introduced a new method for studying
the formation of clumps, or bound structures, in galactic
disks. We seed clump formation events in initially stable
isothermal disks, without star formation or feedback. We
design these conditions to be purposefully simple and thus
offer maximum control. Our clump mass spectrums are not
impacted by feedback recipe choices, providing a comple-
mentary approach to other recent work that employs a va-
riety of feedback assumptions. Our results indicate that the
characteristic length and mass scale of clumps is not a fixed
fraction of the Toomre estimate but depends on the prop-
erties of the galaxy in question. This complicates efforts to
analytically estimate a characteristic mass.
By seeding turbulent clump formation events, we are
able to study the exact conditions under which different
clump masses form. In general, we find that our largest
clump masses can be over an order of magnitude smaller
than the Toomre mass. Our results suggest smaller initial
masses for clumps than reported in some observational stud-
ies. This is consistent with the idea that those studies have
large beams that encompass many bound objects. We stress
that when making this comparison, the clump observational
mass may be different than the initial mass: just because an
object is observed to be massive, does not mean it formed
at that mass through gravitational fragmentation.
Our method provides a new way to approach the prob-
lem of studying clump formation in simulations; it offers a
new way to compare to observations. The method can be
completely tailored to specific galaxies. The only require-
ments is that the rotation curve and surface density distri-
bution for the galaxy are known. Our method provides a
promising new way to study the formation of these clumps
in specific galaxies without the biases introduced by includ-
ing different feedback methods.
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